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A disk becomes gravitationally 
unstable…

A fragment appears!

A protostellar cloud accretes 
and contracts

The star evolves…

RAPID COOLING!

until a star is born. 

interacting with its surroundings

…until it leaves a 
compact remnant. 

?

Feedback-regulated accretion? 
Metallicity evolution? Disk migration? 

Life is fascinating.

Some lucky black holes 
find each other.

👀

Let’s be a binary.

I cannot resist this 
gravitational attraction.

From fragmentation to gravitational waves
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AGN fragmentation questions
• How massive are the fragments? How fast do they collapse and grow?  

What’s the stellar population?  

• How do they migrate?  
Where are the stars/BHs born? 
Do they interact? 



(initial) fragment masses ∼ 10−1 − 102MsunEvolution of AGN stars 11

Figure 7. Initial mass distributions of in-situ stellar populations, assuming a SF e�ciency n = 0.01. Left panel: di�erent SMBH masses with U = 0.1 (solid) and
U = 0.01 (dashed). Right panel: di�erent accretion rates in units of the Eddington rate, where 5Edd = §"BH/ §"Edd.

of the Bondi rate, but also the highest disc thickness, which allows
for a larger accretion radius. This accretion increases stellar masses
by more than two orders of magnitude throughout the disc lifetime.
The result is more pronounced for discs with U = 0.01, for which
the higher disc density leads to more rapid growth (in these cases we
limit the stellar masses to 104

"�). The shift in peak of the stellar
mass distributions for all models is shown in Table 2.

We consider this accretion rate an overestimate, given that during
growth, stars will likely reach a critical mass beyond which accretion
becomes ine�cient due to radiative feedback or momentum-driven
winds. The precise limit depends on details of stellar winds, feedback,
and the accretion geometry, but may lie between 30 to 60M� (Ekström
et al. 2012; Cantiello et al. 2021, although see Dittmann et al. 2022).
Due to the uncertainties regarding stellar accretion, in the following
section we use the initial mass distribution (shown in Fig. 7) as our
fiducial population, which is based on the fragment mass limits from
Eq. 15. As we show, including stellar accretion will alter the final
numbers when determining observational outcomes, but the basic
story remains the same: stars of di�erent masses will have di�erent
fates due to the interplay of migration, stellar evolution, and tidal
disruption.

4 SUBSEQUENT EVOLUTION AND MIGRATION OF AGN
STARS

We now turn to the subsequent migration of AGN stars. PSCs collapse
on a timescale faster than migration (see the dynamical time in Fig. 9),
which allows us to calculate the subsequent evolution of AGN stars
separately from their formation. We break down the range of outcomes
for AGN stars into three categories:

(i) Tidal ‘disruption’: Stars migrate inwards until they reach the
tidal radius where they are destroyed.

(ii) In-situ EMRIs: Stars migrate inwards until they are accreted
by the SMBH, either by avoiding disruption (depending on the rela-
tionship between the SMBH mass and stellar structure) or collapsing
to compact remnants.

(iii) Leftover stellar population: Stars migrate inward until the disc
disperses, surviving the AGN phase.

Each of these outcomes is dependent on the mass of the star, the
mass of the SMBH, and the disc properties. For the present work we
neglect details that would occur as sub-categories (e.g. whether an
EMRI occurs as a star or a specific stellar remnant, it is categorized
as outcome (ii)). Our fiducial model assumes that no further accretion
occurs after star formation, meaning that we adopt initial mass
distributions in Fig. 7 and keep the stellar masses constant. We discuss
implications of including stellar accretion (as shown in Sec. 3.4) in
Sec. 6.

Stars embedded in the disc will excite nonaxisymmetric pertur-
bations that react on the star’s orbit, resulting in an exchange of
angular momentum that will a�ect the orbital separation (Goldreich &
Tremaine 1980). In the limit of small mass ratio (here neglecting de-
pendencies on gas thermodynamics), this migration regime is referred
to as ‘Type I,’ and the strength of the (typically inward) torque on an
embedded migrator of mass "⇤ at a separation A in the isothermal
limit can be estimated with the following expression (Tanaka et al.
2002):
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where 5I is a factor that depends on disc gradients. Rather than solving
for AI from our disc solutions which can lead to sign changes in the
torque, here we fix 5I = 2 to represent a typical inward migration
rate. In Appendix A, we discuss the implications of disc gradients for
migration reversal. This corresponds to a change in radial separation
§AI = 2)I/Eq/"⇤, where Eq = (⌧"BH/A)1/2 is the Keplerian orbital
velocity.

In the classical paradigm, migration slows down if the migrator
carves a gap, reducing the density in the coorbital region, which
weakens the migration torque. In our case, gap-opening for AGN stars
is unlikely for stars with small mass ratios compared to the central
BH (e.g. for @ . 10�5), as suggested by conventional gap-opening
criteria (Crida et al. 2006). Furthermore, a number of numerical
studies conducted for self-gravitating discs on various scales have
shown that migration in such systems can be even faster than implied
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Fragmentation in MHD disks 3

turbed fluid equations. Since spiral structure is typically seen
to develop in fragmenting disks before fragmentation actu-
ally occurs, the study of non-axisymmetric perturbations is
most relevant for our purpose. In his study, (Elmegreen 1987)
found that the presence of a magnetic field can lead to a
destabilization of the system in certain regions characterized
by weak shear since it can inhibit stabilization of a pertur-
bation through the Coriolis force. As a result, perturbation
with smaller wavelength can grow, which would be otherwise
stable. This destabilisation mechanism, which is discussed in
section 4.1 and studied with our simulations, is appealing
because it could provide a clue to understand the di↵erent
nature of fragmentation in magnetized disks.

2 METHODS

2.1 Fragmenting MHD Simulations

In this section we briefly describe the simulations that were
analyzed in this work. These simulations were already pre-
sented in Deng et al. (2021) and are based on simulations
from Deng et al. (2020).
In the simulations, the self-gravitating MHD equations

with resistivity and cooling were solved:
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The cooling time was just assumed to be proportional to
the orbital time: ⌧c = �/⌦ while the relation of pressure
and internal energy is determined via the ideal gas equation
P = (� � 1)U with � = 5/3. The simulations were con-
ducted with GIZMO (Hopkins 2015; Hopkins 2016; Hopkins
& Raives 2016) which uses the MFM (meshless finite mass)
method. They simulated a disk of mass 0.07Msun in a ra-
dius of 5 � 25AU with a central star of 1Msun that is rep-
resented by a sink particle. The initialization of the simula-
tions is described in Deng et al. (2020): They started with
a surface density and a temperature profile of ⌃ / r

�1 and
T / r

�1/2. Also, a toroidal seed magnetic field was added in
the MHD case. The simulations were then run using a weak
cooling rate (� = 8) until the disk’s spiral structure was es-
tablished. Then the cooling was increased to � = 6.28 and
the simulations were continued to saturate the magnetic field.
During this process, particle-splitting was applied to achieve
the desired resolution. The achieved resolution is very high:
for the main MHD simulation more than 30 million particles
were used to resolve MHD e↵ects. The same simulation was
run in more than one variant (see below), such as with or
without Ohmic resistivity, and with a di↵erent cooling pre-
scription for the high density regions (see below). Companion
HD-simulations that did not include a magnetic field were
also conducted; for those, lower resolutions were required (3

Figure 1. Surface density plot of the disk towards the end of the
considered time frame (t = 156yr). The clumps are marked in
orange circles. The flocculent appearance of the disk can be seen
as observed in Deng et al. (2020).

million particles, see also discussion). Overall, these simula-
tions took more than a year of computing time on the Cray
XC40 supercomputer ”PizDaint” at the Swiss Supercomput-
ing Center (CSCS). This prevented us from running a large
set of simulations with di↵erent disk models so far.
These simulations were then taken and used as initial con-

ditions for the fragmenting simulation. Fragmentation was
then induced through an increase in cooling by changing to
� = 3 (see Gammie (2001); Deng et al. (2017)). The results
were then used as initial conditions for subsequent runs that
investigated the further evolution of the clumps as described
in (Deng et al. 2021). They also used a cooling-shuto↵ in
the innermost regions of the clumps after they become grav-
itationally bound noting that the high cooling rates there
would be unrealistic because the high density leads to highly
optically thick conditions, resulting in long photon di↵usion
times and nearly adiabatic evolution. However, fragmenta-
tion and the early physical properties and initial evolution of
clumps, the focus of this paper, are insensitive to the latter
aspect, hence we will not use this variant of the simulations
for analysis here. Furthermore, the specific MHD simulation
used for the analysis of this paper includes Ohmic resistivity.
The companion HD-simulations are also used in this work for
comparison. The resistivity is set via the magnetic Reynolds
number Rm ⌘ csH/⌘ = 20 with cs the sound speed and H

the scale height of the disk (Deng et al. 2021).
The analysis presented in this work is based on snapshots

taken at equally-spaced time intervals of 10/2⇡ years. We
describe the methods used to analyze the simulations in the
next section.

2.2 Identification of the clumps and backtracing

In this section we describe the procedure to find the clumps
in the snapshots, and to analyze them.
Towards the end of the simulation, at the last snapshot

that we are considering, we identify clumps as follows; first,
we find density peaks by selecting all particles above a cer-
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Figure 1. Last snapshots of fiducial resolution simulations. Each row shows a different cooling type. For each run we also
label the disk-averaged cooling time � and the cooling time at 1r0, �1; both are averaged across the whole simulation. Disk
properties are mainly controlled by the cooling time, and the difference between different cooling types (at similar �) remains
subtle.

Xu, Jiang, Kunz, Stone 2024

seen: critb keeps increasing for TSPH as the resolution is
increased, hence departing more and more from the critb value
determined with MFM. However, we caution already at this

point that this conventional way of reasoning is correct only if
no other property of the flow changes with increasing
resolution. If, for some reason, velocity gradients become
intrinsically stronger as resolution is increased, one could
imagine that convergence might be hard to achieve irrespective
of resolution.
Here we argue that the nature of the flow in gravitationally

unstable disks does change as resolution is increased. It
develops regions of stronger shear and vorticity as sharper flow
features become resolved, and such regions then become sites
of higher numerical viscous dissipation. The resolution-
dependent nature of the flow also explains why the way the
initial setup is prepared matters for the fragmentation outcome
at varying resolution, as we illustrate below. The changing
nature of the flow with resolution is well illustrated in Figure 3.
The simulations using unrelaxed initial conditions offer the best
tool to understand what happens. In these the spiral pattern
originates in the inner disk and propagates outward (Meru &
Bate 2011a). We refer to the stage before spirals reach the outer
edge of the disk as the transition phase. The duration of such a
transition phase depends on the cooling rate, but in general lasts
about two ORPs. By visual inspection it is clear that at higher
resolution nonaxisymmetric modes are better resolved. This is
the result of an improved gravitational force resolution, a point
already emphasized in Mayer et al. (2004) and Mayer &

Figure 1. Surface mass density ([g cm2]) in logarithmic scale. The box size is 50 code units (axes in code units are shown in red at the bottom left corner). A subset of
the simulations for the three different methods and with β near critical is shown to highlight that MFM and ISPH do not fragment with much lower values of β relative
to TSPH at comparable resolution (compare bottom panel to top panel). A TIC run at even higher resolution (UHR) is also shown in the bottom right panel, which also
does not fragment despite a very low β (see Table 1). From the first to the second row, left to right, snapshots are taken at 3.7, 0.8, 5.8, 6, 6, and 6 ORPs. Note that the
different times were chosen for the snapshots in the top panel according to when fragmentation begins, which is much earlier than the time chosen in the bottom panel.
The nonfragmenting runs have reached a self-regulated state even before six ORPs, which is thus a reliable reference time.

Figure 2. Azimuthally averaged radial internal energy profile in the disk
midplane, in code units and logarithmic scale at 1.07 ORPs. The HR
simulations run with different hydro methods are shown. The MFM run has a
much cooler disk owing to less numerical viscosity and thus reduced numerical
heating (see Section 3).

5

The Astrophysical Journal, 847:43 (14pp), 2017 September 20 Deng, Mayer, & Meru

Deng, Mayer, Meru 2017

• Clumps have rotation, eccentricity, masses depend on EOS, magnetic fields…

Chen, Jiang, Goodman, 
Ostriker 2023Kubli, Mayer, Deng 2023

Nonlinear deviations
from protoplanetary disks to AGN scales



Mdisk = 105Msun

A global simulation with GIZMO MBH = 106Msun

Step 1: relax to gravitoturbulent state


Step 2: gradually reduce cooling time
tcool ∝ torb

Mbulge = 106Msun

Simulations by Simona Pacuraru (Birmingham)



MMBH = 106M⊙
Mdisk = 105M⊙

Beta cooling 
gradual reduction to 

 β =
tcool

torb
= 3

1 million particles with mass 10−1Msun



Fragment mass evolution 

3000 yr
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Figure 8. Same as Fig. 7, for U = 0.1. Shaded histograms show the mass
distribution after stars accrete via the (limited) Bondi-rate prescription for
gAGN ⇠ 107 yr.

by Eq. 30 due to the contribution of torques from asymmetric flows
in the vicinity of the perturber (Malik et al. 2015; Mayer 2013),
which either inhibits gap formation completely or at least suppress
the formation of a deep gap that can slow down migration sensibly
(Szulágyi et al. 2017). We note that the migration of a population of
stars may not be well-represented by expressions that assume a single
migrator. Simulations tend to show that while a fraction of fragments
tend to migrate inward at a rate comparable to the Type I rate, other
fragments may experience migration that slows down or reverses
direction (Helled et al. 2014). In the inner disc, gap-opening or partial
gap-opening may occur, especially if stars are able to accrete and
grow. For simplicity we consider only inward migration but with two
limiting estimates (Type I and a slower, gap-corrected expression).

In the case that a gap begins to open, numerical simulations find
in many cases that the torque on a perturber scales with the reduced
surface density in the gap, and can be estimated by (Fung et al. 2014;

Kanagawa et al. 2018)

)gap =
1

1 + 0.04 
)I, (31)

where  = @2(A/⌘)5U�1. This estimate takes into account the possi-
bility of partial gap-opening, allowing for a continuous expression for
the torque as a function of @ and disc parameters. When calculating
migration rates for the stellar population, we take into account the
reduction in gas density due to star formation. This only results in a
minor e�ect for models with high SF e�ciency (n = 0.3), for which
the migration times increase by a small factor . 2.

We caution that the above expression assumes a non-self gravitating,
isothermal accretion disc, and is not tested for all disc properties
or thermodynamics. Furthermore, it is known that gas dynamics in
the gap-opening regime become highly nonlinear, and the resulting
torque can have nontrivial dependence on disc parameters (Du�ell
et al. 2014), especially when resolving gas close to the perturber
(Derdzinski et al. 2019) or when gaps are particularly steep (Chen et al.
2020). However, due to the majority of stellar masses being below
the gap-opening threshold, the correction has minor implications for
the outcome of AGN stars (discussed in Section 5).

Additionally, orbital angular momentum loss occurs due to GW
radiation from interaction with the central SMBH, which, assuming a
circular inspiral, results in a separation evolution (Peters 1964)
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where ⌧ is the gravitational constant, and 2 is the speed of light.
The timescale for a star to migrate from its initial separation Ai to a

final separation Af is

Cmig =
ZAf

Ai

1
§AI + §AGW

3A (33)

assuming that gas-induced migration and GW migration are uncoupled.
More massive stars migrate faster and reach the inner disc first, despite
being born at farther separations. In theory migration should slow
down once the star becomes a less massive compact remnant. We
neglect this detail here as it will only a�ect when, not if, the stars
produce EMRIs.

Stars will migrate till they are accreted by the central SMBH or
disrupted by tidal forces. Thus the outcome of stars relies on the
interplay between the migration timescale and the stellar lifetime.
Tidal disruption11 occurs if stars reach the tidal radius, or the region
where tidal forces from the central SMBH overcome the gravitational
binding energy of an incoming star, defined by

Atidal ⇡
✓
"BH

"⇤

◆1/3
'⇤ (34)

where '⇤ is the radius of a star with mass "⇤ (Hills 1975). The
expression is approximate due to uncertainties in stellar structure, for
which we estimate stellar radii by

'⇤ =
✓
"⇤
M�

◆1/2
R� (35)

11 Tidal disruption typically requires that stars reach the tidal radius on an
eccentric orbit (which is also a consequence of dynamical formation scenarios
in the absence of gas), and in this case the star is violently disrupted. In the
case of disc-embedded stars with near circular orbits, it is more likely that stars
are tidally dissolved, or experience Roche lobe overflow (Rossi et al. 2021;
Dai & Blandford 2013; Metzger & Stone 2017), and that torques from the disc
may complicate the picture. We can conveniently still refer to this event as a
tidal dissolution event (TDE).
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• How massive are the fragments? How fast do they collapse and grow?  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• How do they migrate?  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Do they interact? 

AGN fragmentation questions

~ 100* protostellar clumps within 0.1 pc 
ranging from 10s to 100s solar masses  
*dependence on MBH, cooling rate
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protostar trajectories and concurrent 
accretion rates suggest rapid collapse 
to massive stars 


+ initial conditions for what happens 
next



• A stellar population is naturally seeded 
within a typical (moderately accreting) AGN 
accretion disk 


• Variations of this process occur based on 
MBH mass, accretion rate, cooling


• Simulations provide insights into formation, 
collapse, morphology and orbits of 
embedded protostars


• + tools to calibrate subsequent EMRI rates 

andrea.derdzinski @ vanderbilt.edu



·M ∼ 10−2Msun yr−1

Average accretion rate vs. clump mass

Figures by Noah Kubli (UZH)


